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INTRODUCTION 
!

Searches of dark matter in direct/indirect detection strategies or in 
accelerators detectors depends on two fundamental parameters: the mass 
of the dark matter and its coupling to the visible/Standard Model world. 
These two parameters are also the ones that will determine the thermal (or 
non-thermal) history of the dark matter in the Universe. Both are 
connected. 
In the first part of the lecture, I will concentrate on the dependance of the 
thermal history on  these two parameters depending on the nature of  its  
couplings whereas in the second part I will see what are the perspective of 
detection/signal/constraints from the experimental data already available.  

Chapter one: the primordial Universe



Plan/menu
The Universe reheats (waking up)   

[WIMPZILLA]

Some dark matter particles leave the table early (breakfast) 
[FIMP/E-WIMP]

Some are more talkative and stay until the (lunchtime) 
[WIMP] 

Some stay for the teatime snack  
[Warm dark matter]

In any case, they should be present for the dinner 
[Galactic detection] 



Which candidates for the job?

Plot extracted from http://resonaances.blogspot.com/

http://resonaances.blogspot.com/
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The meaning of thermal equilibrium
A system of particles (χ + SM)  is in thermal equilibrium  

when both  kinetic and chemical equilibrium is achieved : 

SM χ

χSM

chemical equilibrium

SM

χ χ

SM

kinetic equilibrium

Usually, (except some exception/transition) both are realized simultaneously.

1/H, (H being the Hubble parameter) is also called the « doubling time »: Universe is twice bigger after the 
time 1/H. The previous expression just means that the chemical equilibrium dominates over the expansion rate.

���!SM SM (T ) < H(T ) =
ȧ(T )

a(T )
, a being the scale factor

This is the only way to define a temperature of the Universe, 
which is in fact the temperature of the photons :  

n(T) α T 3.  
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Figure 2.9: Distribution function h(p) = p2

2⇡2 ⇥ f(p) for T = 100 GeV for di↵erent value of the scale factor

a(t) in the relativistic fermion (left) and non–relativistic fermion (right).

is a relativistic one, respecting n(T̃ ) / T̃ 3 (2.27) even in m > T (no exponential
suppression). In other words, all particles that were relativistic during their decoupling
time count as relativistic degrees of freedom in the Universe nowadays.

Notice that the conservation of the entropy, in the radiation dominated era, impose
S = sR3 = sa3R3

0=cte, using (2.44), one deduce T / a�1. This means that even after
decoupling, a gas of relativistic particle keep a ”virtual” temperature T̃ following the
one of the thermal bath.

• Decoupling while non-relativistic: if, on the other hand, a particle is non-relativisitic :
if, on the other hand, a particle is non–relativistic at the time of decoupling, Tdec, then
E ' m + p2/2m and the distribution function is given by

f(p, t > tdec) = e�m/T
dece�p2/2mT̃ , T̃ (t) = Tdec

✓
a(tdec)

a(t)

◆2

. (2.59)

So the temperature of decoupled non–relativistic species falls as a�2, which means much
faster than the relativistic ones. Their number density thus decreases not exponentially
but as T 2 in a radiation dominated Universe.

It is important to emphasize that, despite the di↵erent scaling behavior of the temperature
for relativistic and non-relativistic species after decoupling, in both cases the equilibrium
distribution is maintained. The particles are not anymore in thermal equilibrium but the
shape of the distribution is maintained around a virtual temperature T̃ .

We illustrate the behavior of the two cases (relativistic and non relativistic) in the Figure
(2.9) for T = 100 GeV and two masses of particles :10 and 200 GeV for the relativistic and
non–relativistic case respectively.

44



The meaning of decoupling
The decoupling happens when the expansion rate dominates over the interaction rate:

In one second, the Universe has doubled is sized, but the thermal bath has produced 
less than 2 particles χ : the χ are diluted. Td is called the decoupling temperature

�SM SM!��(Td) = n(Td)⇥ h�viTd = H(Td)

Decoupling of the inflaton : Td=TRH (reheating) 
Decoupling of the dark matter: Td=TFO (freeze-out) 

Decoupling of the atoms: Td = Trec (recombination/CMB)

T 3
d ⇥ |MSM!�(Td)|2

s
' T 3

d ⇥ |MSM!�(Td)|2

T 2
d

= H(Td) =
T 2
d

MPl



Two ways of decoupling

The massless case (neutrino)

means n is small OR σv is  small.n⇥ h�vi < H

GF = 10-5  GeV-2

e+

ν

GF 
ν

e+

The decoupling condition

n⇥ h�vi ' T 3
⌫ ⇥G2

FT
2
⌫ = H(T⌫) =

T 2
⌫

MPl
) T⌫ '

�
G2

FMPl

��1/3 ' 3 MeV

At 3 MeV, the neutrinos decouple from the thermal bath, but being still relativistic 

The massive case (dark matter)
The decoupling condition

n⇥ h�vi ' (T�m�)
3/2

e�m�/T� ⇥ 1

T 2
�

= H(T�) =
T 2
�

MPl
) m�

T�
' 25

T
χ

 corresponds physically to the temperature under which the thermal bath does not have sufficient energy  

to produce a dark matter particle.



The Boltzman equation
The exact way to solve precisely the problem  

(even if the proceedings approximations give in 90% of the case relatively good results)

dn

dt
= �3Hn� h�vi

�
n2 � n2

eq

�
) dn

dT
= 3

n

T
� h�vi

HT

�
n2
eq � n2

�

✓
d

dt
=

dT

dt

d

dT
= �T

da/dt

a

d

dT
= �HT

d

dT
! t / MPl

T 2

◆
defining the yield Y =

n

S
, with the entropy S =

2⇡2
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gsT
3

This is the so-called Boltzmann equation

dY�

dT
= T 2 h�vi1,2!��

H(T )

�
Y 2
� � Y 2

eq

�
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Z T
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⇧i
d3pi
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' 0.1 ) h�vi
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' 3⇥ 10�26cm3s�1 ⇠ 10�9 GeV�2

<σv> ~ GF
2 : « WIMP miracle »



A (too?) simple application

Bound no valid in a microscopic approach:

The Lee-Weinberg bound (1977)

GF = 10-5  GeV-2
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2
� > 10�9 GeV�2 ) m� > 2 GeV
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« 5th forth (P. Fayet, 1978)» 
Lee-Weinberg bound not valid anymore (possibility for light dark matter)
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Part I  
The WIMPZILLA case

Wake up, the Universe reheats!

Based on work in progress



inflaton

Looking for the maximum temperature of the Universe

TRH . One implication of this is that it is incorrect to assume that the maximum abundance
of a massive particle species of mass M , produced after inflation is suppressed by a factor
e�M/TRH . We will show in this section, how to calculate the evolution of the temperature in
a hot Universe, in presence of massive states.
Let us consider a model Universe with three components: inflaton field energy ⇢I , radiation
energy density ⇢R. We will assume that the decay rate of the inflaton field energy density
into light degrees of freedom, generically referred to as radiation, is �I . We will also assume
that the light degrees of freedom are in local thermal equilibrium.
With the above assumption, the Boltzmann equations describing the redshift and interchange
in the energy density among the di↵erent component is

⇢̇I + 3H⇢I + �I⇢I = 0

⇢̇R + 4H⇢R � �I⇢I = 0 (2.209)

where dot denotes time derivative. It is convenient to work with dimensionless quantities
that can absorb the e↵ect of expansion of the Universe. This may be accomplished with the
definitions

� ⌘ ⇢IM
�1
I a3 ; R ⌘ ⇢Ra4 (2.210)

It is also convenient to use the scale factor, rather than time, for the independent variable.
With this choice, the system of equations can be written as (prime denotes d/da)

�0 = ��I

H

�

a
, R0 =

�IMI

H
� . (2.211)

Under the hypothesis that, at the beginning, the inflaton decay dominates on the expansion
rate (�I ⌧ H), the system (2.211) can be solve exactly, which gives

R =
2

5
�I

r
3MI

8⇡
Mp(a

5/2 � a5/2
I )

p
�I (2.212)

where �I is the inflaton energy (almost constant) during this preheating phase, and aI the
scale factor at the end of the inflation (at the beginning of the preheating phase, instal
condition). Using (2.26) to define the temperature of the plasma of relativistic particles, one
can then write

T =

✓
12Mp�I

g⇤

◆1/4 ✓
3⇢I

8⇡5

◆1/8 ✓
a

aI

◆�3/2

�
✓

a

aI

◆�4�1/4

(2.213)

Using the definition of the reheating temperature (H(TRH) = �I , with H(TRH) computed
in the radiation dominated epoch) and introducing HI , the Hubble parameter at the end of
inflation we have

�I =

r
8⇡3g⇤

90

T 2
RH

Mp
, and ⇢I =

3M2
p

8⇡
H2

I , (2.214)
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Figure 2.31: Evolution of the temperature of the universe as function of the scaling parameter a/aI for

di↵erent values of reheating temperature. One clearly see the maximum occurring at x = ( 8
3 )2/5 = 1.48, and

then the classical evolution of a radiation dominated Universe T / a�1.

which gives

T =

✓
9

5g⇤⇡3

◆1/8 p
TRH(HIMp)

1/4

✓
a

aI

◆�3/2

�
✓

a

aI

◆�4�1/4

(2.215)

We illustrate the behavior of the temperature as function of the reduced scale factor a/aI on
Fig.(2.31). We clearly see that the temperature first increase, due to the dominance of the
decay rate of the inflaton on the expansion rate of the universe. The plasma is heated by
the decay process. However, when the Hubble expansion rate begin to dominate, the plasma
reaches a classical thermal equilibrium, without the introduction of new particles from the
inflaton decay (or at least, their influence diminishes). The temperature then follows the
classic T / 1/a law. We can compute the value amax for which the temperature of the
plasma reaches is maximum by derivate Eq.(2.215), which gives

xmax =
amax

aI
=

✓
8

3

◆2/5

' 1.5 (2.216)

which is independent on the initial conditions. It means that when the Universe was roughly
1.5 times larger than after the inflation phases, the temperature begins to decreases toward
a reheating temperature. The maximal temperature can be computed injecting xmax in
(2.215), we obtain

Tmax =

✓
5

3

◆1/4 ✓
8

3

◆�2/5 ✓
9

5g⇤⇡3

◆1/8 p
TRH(HIMp)

1/4 . (2.217)
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We illustrate the behavior of the temperature as function of the reduced scale factor a/aI on
Fig.(2.31). We clearly see that the temperature first increase, due to the dominance of the
decay rate of the inflaton on the expansion rate of the universe. The plasma is heated by
the decay process. However, when the Hubble expansion rate begin to dominate, the plasma
reaches a classical thermal equilibrium, without the introduction of new particles from the
inflaton decay (or at least, their influence diminishes). The temperature then follows the
classic T / 1/a law. We can compute the value amax for which the temperature of the
plasma reaches is maximum by derivate Eq.(2.215), which gives
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=

✓
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' 1.5 (2.216)

which is independent on the initial conditions. It means that when the Universe was roughly
1.5 times larger than after the inflation phases, the temperature begins to decreases toward
a reheating temperature. The maximal temperature can be computed injecting xmax in
(2.215), we obtain
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A concrete example: the PeV events (3) measured by ICECUBE 

νR

Φ
νR

νL

δ ~ Mh/MΦ

L = ��RR� ⌫R⌫R � �LR ⌫̄LH⌫R

M� =
1p
2
�RRh�i

4

FIG. 2. Deposited energies of observed events with predic-
tions. The hashed region shows uncertainties on the sum of all
backgrounds. Muons (red) are computed from simulation to
overcome statistical limitations in our background measure-
ment and scaled to match the total measured background
rate. Atmospheric neutrinos and uncertainties thereon are
derived from previous measurements of both the ⇡/K and
prompt components of the atmospheric ⌫

µ

spectrum [9]. A
gap larger than the one between 400 and 1000 TeV appears
in 43% of realizations of the best-fit continuous spectrum.

above IceCube. Evidence for an accompanying cosmic
ray air shower was observed, in the IceTop surface ar-
ray and sub-threshold early hits in our veto region, for
only two southern events (28 and 32). These appear to
have been part of the remnant muon background. The
absence of detected air showers in the remainder of the
southern hemisphere events, along with their overall rate,
high energies, and the preponderance of shower events,
generically disfavors any purely atmospheric explanation
(Figs. 2, 3).

Following [11], we fit the data in arrival angle and de-
posited energy to a combination of background muons,
atmospheric neutrinos from ⇡/K decay, atmospheric neu-
trinos from charmed meson decay, and an isotropic 1:1:1
astrophysical E�2 test flux, as expected from charged
pion decays in cosmic ray accelerators [28–31]. The fit
included all those events with 60TeV < E

dep

< 3PeV,
a range in which the expected muon background is re-
duced below 1 event in the 3-year sample and impreci-
sions in modeling the muon background and threshold
region are minimized. The normalizations of all back-
ground and signal neutrino fluxes were left free in the
fit, while the penetrating muon background was con-
strained with a Gaussian prior reflecting our veto ef-
ficiency measurement. We then obtain a best-fit per-
flavor astrophysical flux (⌫ + ⌫̄) in this energy range
of E2�(E) = 0.95 ± 0.3 ⇥ 10�8 GeV cm�2 s�1 sr�1 and
background normalizations within the expected ranges.
Quoted errors are 1� uncertainties based on a profile like-
lihood scan. This model describes the data well, with

FIG. 3. Arrival angles of events with E
dep

> 60 TeV, as used
in our fit and above the majority of the cosmic ray muon back-
ground. The increasing opacity of the Earth to high energy
neutrinos is visible at the right of the plot. Vetoing atmo-
spheric neutrinos by muons from their parent air showers de-
presses the atmospheric neutrino background on the left. The
data are described well by an astrophysical isotropic E�2 neu-
trino flux (gray line). Colors as in Fig. 2. Variations of this
figure with other energy thresholds are in the online supple-
ment.

FIG. 4. Extraterrestrial neutrino flux (⌫ + ⌫̄) as a function
of energy. Vertical error bars indicate the 2�L = ±1 con-
tours of the flux in each energy bin, holding all other val-
ues, including background normalizations, fixed. These pro-
vide approximate 68% confidence ranges. An increase in the
prompt atmospheric background to the level of the 90% CL
limit from the northern hemisphere ⌫

µ

spectrum [9] would re-
duce the inferred astrophysical flux at low energies to the level
shown for comparison in light gray. The best-fit power law is
E2�(E) = 1.5⇥ 10�8(E/100TeV)�0.3GeVcm�2s�1sr�1.

both the energy spectrum (Fig. 2) and arrival directions
(Fig. 3) of the events consistent with expectations for an
origin in a hard isotropic 1:1:1 neutrino flux. The best-
fit atmospheric-only alternative model, however, would
require a prompt normalization 3.6 times higher than
our current 90% CL upper limit from the northern hemi-
sphere ⌫

µ

spectrum [9]. Even this extreme scenario is
then disfavored by our fit at 5.7� with respect to a model
allowing an astrophysical contribution.

work in progress..⌧ = 10

28
seconds⌧ = 10

28
seconds



Part II  
The FIMP case

Shy dark matter..

Based on work with K. Olive, J. Quevillon and B. Zaldivar (2013) / PRL
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Very feebly interacting dark matter 
(freeze-in mechanism, FIMP)

The dark matter is produced from the thermal bath 
but at a very slow rate, until the expansion rate 

dominates the annihilation (H > Γ)

SM

χ χ

SM

Z’

Scattering process is too weak to 
reach kinetic  

equilibrium with the thermal bath 

SM
Z’

SM χ

χ

Annihilation is too weak to reach the 
thermal equilibrium

H(T) = Γ(T)

Freeze-in (FIMP)

χ χ χ
χ
χ
χ

dark matter 
density

thermal bath 
density



A deeper insight on the Boltzmann equation

dY

dT
' �MPl|M1,2!��|2

s
⇥ Y 2

eq

1 Z’

2

χ

χH 
Z’=H=M

gD

• gD ~ T/MPl

Planck/gravitational induced coupling

h�vi / 1
M2

Pl

) dY
dT / 1

MPl

) Y (T ) / TRH�T
MPl

' TRH

MPl

Gravitino DM problem :TRH~107  GeV

• MM < TRH

|M|2 ⇥ g2D

� dY

dT
⇥ g2D
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T 2

� Y (T ) ⇥ g2D
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T

gD ' gEW : WIMP
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⌦h2 = 0.1 ) Y �
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TRH
= 0

• MM > TRH

|M|2 ⇥ g2D

✓
T 2

M2
M

◆2

� dY

dT
⇥ g2D

MPlT 2

M4
M

� Y (T ) ⇥ g2D
MPl

M4
M
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Intermediate state 



Summary for FIMP dark matter
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Y     −T

10 8TRH

αY     1/T

Y
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αY
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m/20 T (GeV)
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33

0
Y    = 3.3*10

HMDM

FIMP

Thermal WIMP 
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Part III 
The WIMP case

Combining detection modes:  
the limit of effective approach
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From the effective approach to the microscopic one 

Enrico Fermi

“Tentativo di una teoria dei raggi β",  

Ricerca Scientifica, 1933

GF = 10-5  GeV-2

n

p

e+

ν

GF 
n e+

ν

W+

p

GF ~ (g/MW)2  

g g

microscopic

approach

Renormalizable theory! 
and specific signatures 
(discovery of charge/

neutral current at CERN)



The effective approach applied to dark matter interaction

Tendencies: 

Large gvisible  is strongly constrained by LHC  

Large ghidden is strongly constrained by DD experiments 

Small gvisible and ghidden are strongly constrained by WMAP (overabundance) 

gvisible

SM χ

χSM

Z/Z’

h/H/A

ghidden gvisible ghidden

1 1

1ε

ε << 1

ε

εε

1

DD WMAP LHC

v

v

v
v v

vv

x x

x

x

v

SM χ

χSM



What are the possible mediators?
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The Z’ case
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Looking for photons around the galactic center

  
G. A. Gómez-Vargas, M. A. Sánchez-Conde, Y. Mambrini, C. Muñoz 

JCAP 1310 (2013) 029

limits to be accidentally dominated by a large downward fluctuation in the energy bins close to the
peak of the gamma-ray emission from DM annhilation, which is the most constraining point when
comparing to the measured flux.

To set constraints we require that the DM-induced gamma-ray flux does not exceed the flux

Figure 3: Maps of the observed flux by the Fermi-LAT in the energy range 1� 100 GeV, in units
of photons cm�2 s�1, for the four DM profiles studied. Upper left: Einasto, upper right: NFW,
bottom left: NFWc, and bottom right: Burkert. For each profile, the ROI is the region inside the
circle excluding the band on the Galactic plane. Color scale is logarithmic, yellow, red and blue
correspond to 3.6⇥ 10�9, 6.4⇥ 10�10 and 1.2⇥ 10�10 photons cm�2 s�1, respectively. These values
also correspond to black contours. In order to reduce statistical noise and to bring up finer features
in the inner galaxy the map is smoothed with a 0.2⇥ FWHM Gaussian function.
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Figure 1: Left panel: DM density profiles used in this work, with the parameters given in Table 1.
Right panel: The J̄(�⇤)�⇤ quantity integrated on a ring with inner radius of 0.5⌅ (� 0.07 kpc)
and external radius of ⇥ (R⇤ tan⇥) for the DM density profiles given in Table 1. Blue (solid),
red (long-dashed), green (short-dashed) and yellow (dot-dashed) lines correspond to NFW, NFWc,
Einasto and Burkert profiles, respectively. The four DM density profiles are compatible with current
observational data.

Here x = (l,⇥) and bT ⇥ E2 is the energy-loss rate of the electron in the Thomson limit. The
function PIC is the photon emission power for ICS, and it depends on the interstellar radiation (ISR)
densities for each of the species composing the photon background. It is known that the ISR in the
inner Galactic region can be well modeled as a sum of separate black body radiation components
corresponding to star-light (SL), infrared radiation (IR), and cosmic microwave background (CMB)
[55]. In this work we have used the interstellar radiation field provided by GALPROP [56] to calculate
the normalization and the temperature for each of these three components. For the injection spectra
of e±, we utilize pre-evaluated tables in [50].

The last ingredient in Eq. (8) is the Ĩ(Ee, EI ;x) function, which can be given in terms of the
well- known halo function [50], I(E,EI ;x) = Ĩ(E,EI ;x)[(bT (E)/b(E,x))(⇥(x)/⇥⇤)2]�1, where ⇥⇤
is the DM density at Sun’s position and b(E,x) encodes the energy loss of the e±. The Ĩ(Ee, EI ;x)
function obeys the di�usion loss equation [50],

⇤2Ĩ(Ee, EI ;x) +
E2

e

K(Ee;x)

⌃

⌃Ee

�
b(Ee;x)

E2
e

Ĩ(Ee, EI ;x)

⇥
= 0 , (9)

and is commonly solved by modeling the di�usion region as a cylinder with radius Rmax =20 kpc,
height z equal to 2L and vanishing boundary conditions. Also the di�usion coe�cient K(E;x) has
been taken as homogeneous inside the cylinder with an energy dependence following a power law
K(E) = K0(E/1GeV)�. For these three parameters L, K0 and �, the so called di�usion coe�cient,
we have adopted three sets referred to as MIN, MED and MAX models [57], which account for
the degeneracy given by the local observations of the cosmic rays at the Earth including the boron
to carbon ratio, B/C [58]. We take them as our benchmark points, although we note that MIN
and MAX models do not imply minimal or maximal expected gamma-ray signal, respectively. To
solve this equation under the described conditions, we have used BoxLib [59] which is a general
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Figure 5: 3⇥ upper limits on the annihilation cross-section of models in which DM annihilates into
bb̄, µ+µ� (upper panel), ⇤+⇤� or W+W� (lower panel), for the four DM density profiles discussed
in the text. Upper limits set without including the ICS component in the computation are also
given as dashed curves (prompt) for comparison. The uncertainty in the di⇡usion model is shown
as the thickness of the solid curves (from top to bottom: MIN, MED, MAX) while the lighter
shaded regions represent the impact of the di⇡erent strengths of the Galactic magnetic field with
lower(higher) values of the cross-section corresponding to B0 = 1 µG(B0 = 10 µG). The horizontal
line corresponds to the expected value of the thermal cross-section for a generic WIMP candidate.

contribution from prompt gamma rays and the total contribution from prompt plus ICS gamma
rays.

First, it is worth noting that if the DM density follows an Einasto, NFW or Burkert profile,
the upper limits on the annihilation cross section are above the value of the thermal cross-section
for any annihilation channel. Nevertheless, the situation is drastically di⇡erent when we consider
the DM compression due to baryonic infall in the inner region of the Galaxy. Indeed, by adopting
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Part IV 
The warm dark matter case

A signal?

Based on work with E. Dudas and L. Heurtier (2014) / PRD 
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Hot/warm/cold dark matter
Relic density of hot dark matter.  

The exemple of the neutrino: the Cowsik-Mac Clelland bound (1972)

/HH�:HLQEHUJ�OLPLW��P˪!IHZ�*H9

&RZVLN�0F&OHOODQG�ERXQG��P˪��IHZ�H9
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DEXQGDQFH��

When a neutrino (or any relativistic particle)  decouple, its distribution follows the one of 
the thermal bath (by energy conservation) even if not being in thermal equilibrium with 
the bath. Its momentum is just redshifted by the expansion rate: n

ν
(T) = T

ν
3= 109 cm-3

This bounds is valid for ANY dark matter candidate that decouples while being 
relativistic. Maximum value ~ keV (playing on E6 degrees of freedom/ Yanagida 2014) 

⌦⌫h
2 =

⇢⌫
⇢c0

h2 =
n⌫ m⌫

10�5 GeV cm3
' m⌫

92 eV
) m⌫ . 9 eV



Problem of hot dark matter: formation structure
A particle when decoupled relativistic (« hot ») collisionless will have tendency to stream out from 

overdense region into underdense region, smoothing out in the process inhomogenities. One should then 
compute its free-streaming path, and check that it is lower than the size of proto-galaxies (~Megaparsec)

We will then integrate the free streaming equation in the 3 regimes independently : t between
0 and tnr, between tnr and tEQ and finally between tEQ and t0.

• Between t = 0 and t = tnr, the neutrino is relativistic and thus v = c and the expansion
factor is proportional to t1/2 [Eq.(B.16)], a(t) = ↵ t1/2

�0�nr
FS (t) =

Z t

0

dt0

a(t0)
=

2

↵
t1/2 = 2

a(t)tnr

a2
nr

[0 < t < tnr]. (2.203)

• Between tnr and tEQ, the velocity of the particle v(t) is proportional to a�1(t) by
redshift, which means v(t) = c anr

a(t) = anr
a(t) which gives

�nr�EQ
FS (t) � �nr�EQ

FS (tnr) = �nr�EQ
FS (t) � �0�nr

FS (tnr) =

Z t

tnr

anrdt0

a2(t0)
=

tnr

anr
ln

✓
t

tnr

◆

) �nr�EQ
FS (t) = 2

tnr

anr
+ 2

tnr

anr
ln

✓
a(t)

anr

◆
= 2

tnr

anr


1 + ln

✓
a(t)

anr

◆�
[tnr < t < tEQ].

(2.204)

• Between t = tEQ and t = t0 the dependance on the velocity is of course still red-
shifted, but the relation between time and scale factor from Eq.(B.16) is a(t) = ↵ t2/3.
Remarking tnr = tEQ(anr/aEQ)2 we then obtain

�EQ�t
0

FS (t) = �nr�EQ
FS (tEQ) + anr

Z t

tEQ

dt0
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= 2
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✓
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◆
� 3
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✓
aEQ

a(t)

◆1/2�
[tEQ < t < t0]. (2.205)

We can see that �FS(t) quickly reaches and asymptotic value �1
FS. With the values obtained

in Eq.(2.87) and Eq.(B.11-B.16) we can deduce tnr and aEQ and thus compute the asymptotic
limit �1

FS:

�1
FS =

MP

T0Tnr

s
45

4⇡3g⇢


5

2
+ ln

✓
⇢R

0 Tnr

⇢M
0 T0

◆�
⇡ 70 Mpc

1 eV

Tnr
⇡ 210 Mpc

1 eV

m⌫
(2.206)

if we suppose Tnr ' m⌫/3 (an exact solution of the boltzmann solution is needed here). It
means that structures of larger scales than 70 Mpc should have been destroyed by neutrino
of masses m⌫ < 1 eV. if they were the main matter constituent of the density of the Universe.
We plotted a numerical solution of �FS in Fig.(2.29).
The limit m⌫ = 1 keV is known as the warm dark matter limit . Indeed, the free streaming of
such particle is around 1 Mpc, which is the typical size of protogalaxies. Hot dark matter are
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the close universe with a wave vector k ' 1/�. In the case isotrope, Eq.(2.198) can be
written

⇣(r) =
V

2⇡2

Z 1

0

P (k)
sin(kr)

kr
k2dk (2.199)

r represent a comoving scale (or wavelength) corresponding to the wave number k = 2⇡
r .

The function sin(kr)
kr acts like a windows letting only the modes with k < 2⇡

r to contribute to
the fluctuation at the scale r. For these reasons, fluctuations with k > 2⇡

r (i.e. small scales
compared to r) does not contribute at the scale r. As a conclusion the correlation function
at a scale r will be sensible only to power spectrum corresponding to scales > r.
To have an idea, recent measurements with some simulation hyptothesis gives

⇣(r) '
✓

r

r0

◆��

(2.200)

with � ' 1.77 and r0 ' 5h�1 Mpc for scales from 0.1 to 10 h�1 Mpc. Higher is r0 larger is
⇣(r) and so the structure features. r0 quantify the clustering.

2.8.3 Free streaming

If dark matter is composed by collisionless particles (like neutrino for instance), after they
are kinematicaly decoupled from the bath (see section 2.2.5) they are subject to Landau
damping , also known as collisionless phase mixing or free streaming. Until perturbations
become Jeans unstable and begin to grow after the decoupling time, collisionless particles
can stream out of overdense regions and into underdense regions, in the process smoothing
out inhomogeneities. We will estimate the scale of collisionless damping in this section33.
Once a species decouples from te plasma, it simply travels in free fall in the expanding
Universe. We thus may choose the particle motion to be along d� = d✓ = 0 so that the
motion of a freely propagating particle is simply given by a(t)dr = v(t)dt. The distance �FS

traversed by a free streaming particle at a time t can then be written

�FS(t) =

Z t

0

dr =

Z t

0

v(t0)

a(t0)
dt0 (2.201)

While the particles are relativistic, v = c, and later, v / a�1 because the momentum is
redshifted. We thus need to introduce a new scale, the scale factor anr where the dark matter
particles become non–relativistic. It is defined by the condition kTnr = a�1

nr kT0. Following
Eq.(B.14) we have the link between temperature and scaling factor : T / a�1. We thus can
deduce the temperature when a particle � becomes non relativistic : m� ' Tnr ) anr ' T

0

m�
.

In the case of the neutrino � = ⌫, Eq.(2.62) gave us m⌫ ⇡ ⌦⌫h2 ⇥ 92 eV implying

anr =
T0

m⌫
=

2.35 ⇥ 10�4

92

�
⌦⌫h

2
��1

= 2.6 ⇥ 10�6
�
⌦⌫h

2
��1

(2.202)

33In order to take this e↵ect into account properly, one must integrate the Boltzmann equation that
describes the collisionless component
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Figure 2.29: Free streaming distance (in Mpc) as function of the scaling parameter a(t) for di↵erent masses

of neutrino (from 1 eV to 1 keV)

particles still relativistic at the recombination time (m⌫ . 10 eV as we can see from Fig.2.29).
In fact, more generically speaking, candidate particles can be grouped into three categories
on the basis of their e↵ect on the fluctuation spectrum. If the dark matter is composed of
abundant light particles which remain relativistic until shortly before recombination, then
it may be termed ”hot”. The best candidate for hot dark matter is a neutrino. A second
possibility is for the dark matter particles to interact more weakly than neutrinos, to be
less abundant, and to have a mass of order 1 keV. Such particles are termed ”warm dark
matter”, because they have lower thermal velocities than massive neutrinos . There are at
present few candidate particles which fit this description. Gravitinos and photinos have been
suggested. Any particles which became nonrelativistic very early, and so were able to di↵use
a negligible distance, are termed ”cold” dark matter (CDM) .
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Summary, hot versus cold dark matter
Neutrino

HOT COLD

eV 91.5
2 ∑=Ω ν

ν

m
h 12 −>∝<Ω vh annσν

•Σmv<0.66 eV
(WMAP+LSS+SN)
•LEP: 
Nν=2.994±0.012
→ mν≥45 GeV
→ Ωνh2 ≤ 10-3 

•DM searches 
exclude: 10 
GeV ≤ mν≤ 4.7 TeV
(similar constraints 
for sneutrinos and 
KK-neutrinos)

3 – 7 GeV

30 eV

mix with sterile component
(both for neutrinos and sneutrinos)does not work
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A. Boyarsky, O. Ruchayskiy, D. Iakubovskyi, J. Franse; 
http://arxiv.org/abs/1402.4119

Signal: XMM NEWTON and 3.5 keV line?

3

Dataset Exposure χ2/d.o.f. Line position Flux ∆χ2

[ksec] [keV] 10−6 cts/sec/cm2

M31 ON-CENTER 978.9 97.8/74 3.53± 0.025 4.9+1.6
−1.3 13.0

M31 OFF-CENTER 1472.8 107.8/75 3.53± 0.03 < 1.8 (2σ) . . .
PERSEUS CLUSTER (MOS) 528.5 72.7/68 3.50+0.044

−0.036 7.0+2.6
−2.6 9.1

PERSEUS CLUSTER (PN) 215.5 62.6/62 3.46± 0.04 9.2+3.1
−3.1 8.0

PERSEUS (MOS) 1507.4 191.5/142 3.518+0.019
−0.022 8.6+2.2

−2.3 (Perseus) 25.9
+ M31 ON-CENTER 4.6+1.4

−1.4 (M31) (3 dof)
BLANK-SKY 15700.2 33.1/33 3.53± 0.03 < 0.7 (2σ) . . .

TABLE I: Basic properties of combined observations used in this paper. Second column denotes the sum of exposures of individual observa-
tions. The last column shows change in∆χ2 when 2 extra d.o.f. (position and flux of the line) are added. The energies for Perseus are quoted
in the rest frame of the object.
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FIG. 1: Left: Folded count rate (top) and residuals (bottom) for the MOS spectrum of the central region of M31. Statistical Y-errorbars on the
top plot are smaller than the point size. The line around 3.5 keV is not added, hence the group of positive residuals. Right: zoom onto the line
region.

with such a large exposure requires special analysis (as de-
scribed in [16]). This analysis did not reveal any line-like
residuals in the range 3.45−3.58 keVwith the 2σ upper bound
on the flux being 7× 10−7 cts/cm2/sec. The closest detected
line-like feature (∆χ2 = 4.5) is at 3.67+0.10

−0.05 keV, consistent
with the instrumental Ca Kα line.3

Combined fit of M31 + Perseus. Finally, we have performed
a simultaneous fit of the on-center M31 and Perseus datasets
(MOS), keeping common position of the line (in the rest-
frame) and allowing the line normalizations to be different.
The line improves the fit by ∆χ2 = 25.9 (Table I), which
constitutes a 4.4σ significant detection for 3 d.o.f.

Results and discussion. We identified a spectral feature at
E = 3.518+0.019

−0.022 keV in the combined dataset of M31 and
Perseus that has a statistical significance 4.4σ and does not
coincide with any known line. Next we compare its properties
with the expected behavior of a DM decay line.

3 Previously this line has only been observed in the PN camera [9].

The observed brightness of a decaying DM line should be pro-
portional to the dark matter column density SDM =

∫

ρDMdℓ –
integral along the line of sight of the DM density distribution:

FDM ≈ 2.0× 10−6 cts

cm2 · sec

(

Ωfov

500 arcmin2

)

× (1)
(

SDM

500 M⊙/pc2

)

1029 s

τDM

(

keV

mDM

)

.

M31 and Perseus brightness profiles. Using the line flux
of the center of M31 and the upper limit from the off-center
observations we constrain the spatial profile of the line. The
DM distribution in M31 has been extensively studied (see an
overview in [13]). We take NFW profiles for M31 with con-
centrations c = 11.7 (solid line, [22]) and c = 19 (dash-dotted
line). For each concentration we adjust the normalization so
that it passes through first data point (Fig. 2). The c = 19
profile was chosen to intersect the upper limit, illustrating that
the obtained line fluxes of M31 are fully consistent with the
density profile of M31 (see e.g. [22, 24, 25] for a c = 19− 22
model of M31).

A. Boyarsky, O. Ruchayskiy, D. Iakubovskyi, J. Franse; 
http://arxiv.org/abs/1402.4119
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FIG. 1: Left: Folded count rate for MOS1 (lower curve, red) and MOS2 (upper curve, blue) and residuals (bottom) when the line at 3.54 keV
is not added. Right: Zoom at the range 3.0–4.0 keV.

However, significance of this results is not sufficient to con-
firm the hypothesis, they can be considered only as a success-
ful sanity checks. More results are clearly needed to preform
a convincing checking program described above.

A classical target for DM searches is the centre of our Galaxy.
Its proximity allows to concentrate on the very central part
and therefore, even for decaying DM, one can expect a sig-
nificant gain in the signal if the DM distribution in the Milky
Way happens to be steeper than a cored profile. The Galactic
Center (GC) region has been extensively studied by the XMM
and several mega-seconds of raw exposure exist. On the other
hand, the GC region has strong X-ray emission, many com-
plicated processes occur there [91–99]. In particular, the X-
ray emitting gasmay contain several thermal componentswith
different temperatures; it may be more difficult to constraint
reliably abundances of potassium and argon that in the case
of intercluster medium. Therefore the GC data alone would
hardly provide convincing detection of the DM signal, as even
a relatively strong candidate line could be explained by astro-
physical processes. In this paper we pose a different question:
Are the observations of the Galactic Center consistent with
the dark matter interpretation of 3.53 keV line of [1, 2]?

The DM interpretation of the 3.53 keV line in M31 and the
Perseus cluster puts a lower limit on the flux from the GC. On
the other hand, a non-detection of any signal in the off-center
observations of the Milky Way halo (the blank sky dataset
of [1]) provides an upper limit on the possible flux in the
GC, given observational constraints on the DM distribution in
the Galaxy. Therefore, even with all the uncertainties on the
DM content of the involved objects, the expected signal from
the GC is bounded from both sides and provides a non-trivial
check for the DM interpretation of the 3.53 keV line.

We use XMM-Newton observations of the central 14′ of the
Galactic Center region (total clean exposure 1.4 Msec). We

find that the spectrum has a ∼ 5.7σ line-like excess at ex-
pected energy. The simultaneous fitting of GC, Perseus and
M31 provides a∼ 6.7σ significant signal at the same position,
with the detected fluxes being consistent with the DM inter-
pretation. The fluxes are also consistent with non-observation
of the signal in the blank-sky and M31 off-center datasets,
if one assumes steeper-than-cored DM profile (for example,
NFW of Ref. [100]).

Below we summarize the details of our data analysis and dis-
cuss the results.

Data reduction.We use all archival data of the Galactic Cen-
ter obtained by the EPICMOS cameras [101] with Sgr A* less
than 0.5′ from the telescope axis (see Appendix, Table I). The
data are reduced by standard SAS1 pipeline, including screen-
ing for the time-variable soft proton flares by espfilt. We
removed the observations taken during theMJD 54000–54500
due to strong flaring activity of Sgr A* in this period (see
Fig. 3 in Appendix). The data reduction and preparation of the
final spectra are similar to [1]. For each reduced observation
we select a circle of radius 14′ around Sgr A* and combine
these spectra using the FTOOLS [102] procedure addspec.

Spectral modeling. To account for the cosmic-ray induced
instrumental background we have subtracted the latest closed
filter datasets (exposure: 1.30 Msec for MOS1 and 1.34 Msec
for MOS2) [103]. The rescaling of the closed filter data has
been performed to reduce to zero flux at energiesE > 10 keV
(see [104] for details). We model the resulting physical spec-
trum in the energy range 2.8–6.0 keV. The X-ray emission
from the inner part of the Galactic Center contains both ther-
mal and non-thermal components [93, 94]. Therefore, we
chose to model the spectrum with the thermal plasma model

1 v.13.5.0 http://xmm.esa.int/sas
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In Case A, the discussion is a bit more subtle, as far as
the experimental constraints are concerned. For medi-
ator masses lower than a hundred keV, the mass scale
⇤ must reach very high values (& 1016 GeV) to escape
experimental exclusion bounds. Still such region of the
parameter space is not acceptable since it would lead to
a very heavy parameter m̃. Then for higher masses of
the mediator (m

�

& 300 keV) more reasonable values of
⇤ are allowed, and we are left with lower bounds com-
ing from LEP (mentioned above) and upper bounds on
⇤ arising from CMB dilution and BBN perturbations.
Di↵erent choices of ⇤ will then lead to di↵erent pairs of
(m

�

, m̃), as depicted in Fig.(3)

FIG. 3. (m�,m̃) parameter space allowed by the � flux measure-

ments in the case of a heavy mediator (Case A), for di↵erent values

of ⇤. The red shaded region indicates where m̃ is higher than m�.

In order to fix ideas, and anticipating results of section
V, we indicated in red in the figure the region where m̃ &
m

�

. This shows clearly, that imposingm
�

& 300 keV sets
an upper limit for ⇤, giving approximately

⇤ . 1000 TeV . (17)

Furthermore, the lower limit ⇤ & 5 TeV mentioned in
section IIIA – still acceptable if there is some strongly
coupled hidden sector generating the e↵ective mass scale
⇤ – imposes an upper limit on the mediator mass, m

�

.
50 MeV6. One would thus expect from this model that
the mediator mass lies in the region

300 keV . m
�

. 50 MeV . (18)

6 As mentioned in previous sections, assuming that the e↵ective
coupling between the mediator � and the photons comes from
some perutrbative heavy physics sets a stronger limit on ⇤ lead-
ing to masses of the mediator m� . 5 MeV.

IV. RELIC ABUNDANCE

A. State of the art

Computing the relic abundance in models with a very
weak annihilation cross section and a keV dark matter
particle is highly non-standard. Indeed, it is well known
from the standard lore that a hot dark matter candidate
leads to a relic density

⌦h2 ' 9.6⇥ 10�2 g
eff

g
s

(x
f

)

⇣ m
s

1 eV

⌘
, (19)

where g
eff

is the e↵ective number of degrees of freedom
of the dark matter candidate and g

s

the e↵ective num-
ber of degrees of freedom for the entropy. Eq.(19) gives
m

s

' 5 eV if one wants to respect PLANCK [2] limit
⌦

DM

h2 = 0.1199 ± 0.0027. However, this condition is
valid only under the hypothesis that the dark matter
is in thermal equilibrium with a common temperature
T with the thermal bath. In the case of the line sig-
nal observed in the clusters, the cross section necessary
to fit the result is far below the classical thermic one
h�vi

therm

= 3⇥10�26cm3s�1. This idea had led previous
studies to rule out scalar dark matter candidates lighter
than O (MeV) [37]. In fact, the dark bath, composed of
the light mediator � and the dark matter S cannot be in
equilibrium with the standard plasma.

There are several ways to address this issue. A first possi-
ble attempt to solve the problem, proposed in [6] and [7],
is to suppose that the dark matter is produced through
the freeze in mechanism: the interacting photons annihi-
late to produce the dark matter in the inverse process of
Fig.(2). Yet it is not possible to get the right relic den-
sity in this way since, solving the Boltzmann equation in
this case would produce too much dark matter. Indeed
equilibrium dark matter density would reach quickly a
value that would overclose the Universe.

Another way to solve the problem was proposed in [54,
55] where the authors noticed that the condition (19) is
not valid anymore if the temperature of the hidden sector
T
h

is di↵erent from the one of the thermal bath T . In
this case, one can compute the temperature T

h

needed to
obtain a 3.56 keV particle respecting the relic abundance
constraint. Yet, as we will see in what follows, we still
need the hidden sector content to be richer in order to
provide new dark matter annihilation channels leading to
the right relic abundance. This will be done adding to
the model a right-handed sterile neutrino.

B. Dark matter annihilation into sterile neutrinos

One way of solving the lack of annihilation of dark matter
described above is to assume that a right-handed sterile
neutrino couples directly to the mediator scalar particle

4

FIG. 2. Microscopic diagram for dark matter annihilation
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We assume the parameter m̃ to be a free mass scale pa-
rameter. However such coupling can be explicitely gener-
ated by symmetry breaking in renormalizable models, as
illustrated in section V. In the latter case, m̃ is expected
to be at most of the same order of magnitude than m

�

since it gets its value from the vev of a field � = v
�

+ �
after spontaneous symmetry breaking. Furthermore this
is what would be more generally expected if m̃ is gen-
erated by whatever dynamical mechanism involving only
� and the light field S. The mass scale ⇤ is related to
the mass of heavy particles integrated in the loop. In
a perturbative set up with N charged fermions running
in the loop ⇤ ⇠ 4⇡

Nh�↵
M
 

, where h
�

is the Yukawa cou-

pling of � to the charged fermions of mass M
 

. Using
the constraint M

 

& 500 GeV from collider searches and
perturbativity one finds that the minimum natural val-
ues for ⇤ are ⇤ ⇠ 50� 500 TeV, whereas ⇤ ⇠ 5 TeV can
only be obtained in a strongly coupled hidden sector.

Such a lagrangian gives for the annihilation cross section
(process depicted in Fig.(2) )

h�vimicro

��

=
4m2

s

m̃2

⇡⇤2(4m2
s

�m2
�

)2
. (12)

B. X-ray line

Depending on the hierarchy between the masses of the
mediator � and the dark matter particle S, the condition
(7) leads to two kinds of constraints :

Case A : m
�

& m
s

(Heavy Mediator),

m
�

' (12.3 � 17.6)

r
m

s

3.5 keV

r
m̃

⇤
GeV

(13)

Case B : m
�

. m
s

(Light Mediator),

m̃

⇤
⇠ (1.63� 3.36)⇥ 10�13 . (14)

Both cases give at first sight viable results. One can un-
derstand easily why it is so in the microscopic approach
compared to the e↵ective operators approach of Eq.(9).
Indeed, as recently emphasized by the authors of [40] for
the LHC analysis of mono jet events, the e↵ective opera-
tors approach ceases to be valid once the ultraviolet (mi-
croscopic) theory contains some light mediators, which is
exactly our case. This comes from two powers less in ⇤
in the computation of observables: heavier states become
now reasonably heavy compared to the result Eq.(10).

We will see however that experimental bounds on light
scalar particle interactions with the electromagnetic sec-
tor are strongly restrictive.

C. Experimental Bounds

As we just mentioned above, interactions of a light scalar,
or axion-like particle (ALP) with the visible sector is
very much constrained by collider data (LEP) and astro-
physics. Indeed bounds on pseudoscalar particles inter-
acting with photons (see [46]) have been studied, using
LEP data from ALEPH, OPAL, L3 and DELPHI, and
shown that the coupling of the pseudoscalar with pho-
tons cannot exceed a value of 2.6 ⇥ 10�4GeV�1 for a
mediator of mass m

�

. 50 MeV, which means, in terms
of our mass scale

⇤ & 3 TeV [m
�

. 50 MeV] . (15)

Furthermore, one of the most restrictive constraints on
ALPs comes from the non-observation of anomalous en-
ergy loss of horizontal branch (HB) stars via a too im-
portant ALP production [47]. Indeed those contraints
impose

⇤ & 1010 GeV [m
�

. 30 keV] , (16)

for a mediator mass up to m
�

. 30 keV. At higher
masses arise constraints coming from the CMB and BBN
studies, setting lower limits on the coupling with photons.
A nice review on the subject can be found in [48, 49]. Var-
ious astrophysical constraints on ALP mass and coupling
to photons are summarized in, e.g. [50].

These constraints on our model essentially put lower
bounds on ⇤. Indeed, for a light mediator (Case B)
HB experiments impose that the mass scale ⇤ takes very
high values (& 1010 GeV). In this case, as indicated by
Eq.(14), one would need the tri-linear coupling to be of
order m̃ & 10�3 GeV. However, in this case, since m

�

is assumed to be smaller than the keV scale, one would
conclude that m̃/m

�

& 103 which is, as mentioned in
the previous section, quite unnatural. We will then con-
centrate our study on Case A, where the mediator � is
assumed to be heavier than the dark matter field S.
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Conclusions

A huge possibilities in the dark sector (even not talking about axions!!) 
especially when opening the box of a non-standard thermal history of the Universe

The second chapter will cover the discovery status, its prospects and issues

In the last 20-30 years a lot of theoretical frameworks/technology detectors has been 
focused on the electroweak scale (~100 GeV) mainly based on (maybe?) too simple 
arguments (« WIMP miracle », Lee Weinberg bounds..). Since 5-10 years, the box is 
open, looking from the milli-eV dark matter (« dark photon »), to sterile neutrino 

(warm dark matter) or PeV signatures (WIMPZILLA)
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during a time �t due to the dilution of the target. The volume necessary to have 2 collision (Rbefore) is now
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(D⌫S̃)(D⌫S̃)† which includes the terms of interactions ig pµAµSS†+ig p̃⌫A⌫S̃S̃†, Aµ being the
massless vectorial field (photon for instance) and g its coupling to the particles in the bath.
On can then compute the amplitude of the interaction (see appendix C) M = g2pµ⌘µ⌫ p̃⌫/p2 =
g2p.p̃/p2 ' EẼ(1 � cos ✓)/E2, cos ✓ being the di↵used angle between S and S̃ which implies
|M|2 ' g4EẼ(1 � cos ✓)/E2. Using Eq.C.37 (� ' |M|2/64⇡2s), considering that the parti-
cles are relativistic in the plasma and using Eq.(2.29) (mS,S̃ ⌧ T ) E ' Ẽ ' T ) one can
deduce � ' g4/T 2 implying when combined with Eq.(2.23) � = nSh�vi = nSh�ci ' g4T .
The particle S will thus be decoupled from the primordial plasma when

�

H
. 1 ) g4MP

T
. 1 ) T & g4Mp ' 1015GeV [non � massive gauge boson exchange]

(2.51)
It is important to notice that T in this case is an upper bound, which means that as soon a
T . 1015 GeV the eletromagnetics interactions will always be su�cient to maintain charged
relativistic particles in equilibrium in the bath: the decoupling will appears only when
the temperature will reach mS, where the density will be exponentially suppressed by the
Boltzmann factor (the term nS in the expression of �).

In the case of the exchange of a massive gauge boson Z 0 (MZ0 & T ) the amplitude of the
reaction can be written M ' g2E2/M2

Z0 ' g2T 2/M2
Z0 ) � ' g4T 5/M4

Z0 . The decoupling
temperature will then be given by the usual condition �/H . 1 :

�

H
. 1 ) g4MP T 3

M4
Z0

. 1 ) T .
✓

MZ0

g

◆4/3

M�1/3
p ' 0.1

✓
MZ0

1 TeV

◆4/3

MeV (2.52)

In this case we clearly see that the decoupling of particles charged only under SU(2) (Z boson
exchange) will decouple quite late in the history of the universe (around 1 MeV) which is
precisely the case of the neutrino (that we will study more in detail in another section).
We represent in Fig.2.8 the evolution of H(T ) and �(T ) in di↵erent cases (taking g = 0.1)

log H ' �2 log 1/T � 19; log �� ' � log 1/T � 4; log �MZ0 = �5 log 1/T � 4 log MZ0 � 4
(2.53)
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